Context. Most O-type stars and many B stars show unexplained cyclical variability in their spectral lines, i.e., modulation on the rotational timescale, but not strictly periodic. The variability occurs in the so-called discrete absorption components (DACs) that accelerate through the UV-wind line profiles and also in many optical lines. For such OB stars no dipolar magnetic fields have been detected with upper limits of ∼ 300 G. Aims. We investigate whether multiple magnetic loops on the surface rather than non-radial pulsations (NRPs) or a dipolar magnetic field can explain the observed cyclical UV and optical spectral line variability. Methods. We present time-resolved, high-resolution optical spectroscopy of the O6.5I(n)fp star λ Cephei. We apply a simplified phenomenological model in which multiple spherical blobs attached to the surface represent magnetic-loop structures, which we call stellar prominences, by analogy with solar prominences. We compare the calculated line profiles as a function of rotational phase, adopting a rotation period of 4.1 d, with observed relative changes in subsequent quotient spectra. Results. We identify many periodicities in spectral lines, almost none of which is stable over timescales from months to years. We show that the relative changes in various optical absorption and emission lines are often very similar. Our proposed model applied to the He ii λ4686 line can typically be fitted with 2-5 equatorial blobs with lifetimes between ∼ 1 and 24 h. Conclusions. Given the irregular timescales involved, we propose that the azimuthal distribution of DACs correspond to the locations of stellar prominences attached to the surface. This could explain the observed variability of optical and UV lines, and put constraints on the strength and lifetime of these structures, which can be compared with recent theoretical predictions, in which bright magnetic surface spots are formed by the action of the subsurface convection zone.
Introduction
Mass loss of OB-type stars occurs in the form of a stellar wind, which is driven and accelerated by the radiation pressure exerted by the luminosity in numerous spectral lines, resulting in a terminal velocity that exceeds the local escape velocity. In the absence of significant short-term luminosity changes, the wind is expected to be constant in time. Such winds, however, are known to be intrinsically unstable and clumped; they are also likely affected by the presence of rotation, pulsation, and/or magnetic fields, which obviously makes the wind structure far more complex. Observationally, two types of wind variability can be distinguished using ultraviolet (UV) resonance lines. The first type shows variability that is strictly periodic, with the wind line profile varying from absorption to emission and back again, symmetrically in velocity range around the rest wavelength. This type is encountered among all studied magnetic oblique rotators, with the periodicity being the rotation period of the star. This class includes many helium peculiar stars with spectral type from ∼B7 for the He-weak stars, ∼B1/B2 for the He-strong stars, up to the Of?p stars. For instance, the gallery presented by Hen- richs et al. (2012) contains He-weak, He-strong, β Cephei variables, and a slowly pulsating B star, all with very similar profile variations. Early discovered magnetic O-star examples include the O7Vp star θ 1 Ori C (Donati et al. 2002) and the Of?p star HD 191612 (Donati et al. 2006) . All discovered magnetic OB stars until 2012 are listed in Petit et al. (2013) . In the galactic magnetic OB star survey MiMeS 7 ± 1% out of over 550 OB stars have a magnetic field, likely of the type producing this first type of wind variability (although only a minority of this sample have time-resolved UV spectra). All these magnetic stars are in the hydrogen core burning phase, including the supergiant ζ OriAa O9.5Ia Blazère et al. 2015) , the star with the weakest polar field strength.
The second type of wind variability is called cyclical, i.e., without strict periodicity (like sunspots) as seen in variable UV wind lines, which is mostly in the form of discrete absorption components (DACs) in unsaturated parts of P Cygni profiles. Discrete absorption components accelerate from low velocity (at about vsini) towards negative velocity and approach the terminal wind velocity as measured at the bottom of the blue edge of saturated UV P Cygni wind profiles. Whereas the formation of these wind structures are ascribed to corotating interacting regions (CIRs, Mullan 1984 , 1986 , as in the solar wind, their nature is not known. Cranmer & Owocki (1996) showed that such wind structures indeed give rise to DACs in UV profiles. The velocity contrast arises from differences in wind driving between places with and without surface inhomogeneities. So far all investigations point towards a near-photospheric origin of the CIRs, e.g., Henrichs et al. (1994) , Kaper et al. (1997) , and have been recently substantiated by Massa & Prinja (2015) . The cyclical timescale scales with the estimated stellar rotation period (Henrichs et al. 1988; Prinja 1988) . Proposed mechanisms include non-radial pulsations (NRPs), a dipolar magnetic field, and/or multiple magnetic loops on the surface, which are all latitudedependent features causing azimuthal changes in the wind, and make them likely candidates. Direct evidence of a periodic DAC originating from a magnetic pole was shown for the magnetic O star θ 1 Ori C by Henrichs et al. (2005) , by noting that 13 years of rotationally phase-folded C iv UV profiles of this star show a progressing absorption feature very similar to a single (cyclical) DAC, whose starting epoch could be traced back to the phase when the only observable magnetic pole passes through the line of sight. David-Uraz et al. (2014) closely investigated the magnetic dipolar field hypothesis as the origin of DACs in the best available sample of OB stars, and concluded that such fields are highly unlikely to be responsible for these wind structures in all massive stars. This would leave NRPs and/or multiple magnetic loops on the surface as a possible cause for the cyclical wind variability, likely present in the remaining 93% of non-bipolar magnetic OB stars, which is the subject of this investigation.
In our search for the origin of the cyclical wind behavior, we focussed on the enigmatic star λ Cephei (HD 210839, HIP 109556), classified as O6I(n)fp by Walborn (1972) , but later revised to O6.5I(n)fp by Sota et al. (2011) . Thanks to its brightness, it has been studied in great detail in many wavelength regions. The He ii λ4686 line is always in emission (hence its spectral type), but it is double peaked and variable without any stable periodicity. Night to night variations in this spectral line were reported by Leep & Conti (1979) and Grady et al. (1983) , the latter simultaneously with UV spectra obtained with the IUE satellite. The shortest reported timescale of significant variations in the He ii λ4686 line is about 15 minutes (Henrichs 1991) . In these data, simultaneously acquired with UV spectroscopy in 1989, the overall equivalent width of this line within −400 and +400 km s −1 curiously varied in concert with the blue edge of the C iv UV resonance line around −2300 km s −1 . This parallel behavior has not been explained. Simultaneous Hα and IUE spectra were presented by Kaper et al. (1997) also with possibly correlated behavior. The star shows nearly saturated UV resonance P Cygni lines with strong variability in the absorption part, both in the form of DACs in the Si iv line, and in the blue edge of the more saturated C iv and N v lines (Kaper et al. 1996 (Kaper et al. , 1999 with typical timescales varying from 1.4 ± 0.2 to 2.2 ± 0.7 and 4.3 ± 1.4 d for different datasets. Two of these time series were recently reanalyzed by Massa & Prinja (2015) . Marchenko et al. (1998) reported a 0.6326 d photometric period in Hipparcos data. Two modes with periods of 6.6 h and 12.3 h of small-amplitude nonradial pulsations of λ Cep were discovered by de Jong et al. (1999) . This could not be confirmed, however, by Uuh-Sonda et al. (2014) , which will be discussed below. Simultaneous Xray and optical Hα and He ii λ4686 spectroscopy was presented by (Rauw et al. 2015, hereafter RH15) , who found a 4.1 d periodicity in Hα and an X-ray emitting region between 1.1 and 2 stellar radii.
The rotation period of the star is not known; it is on the order of a few days, as estimated from the stellar parameters obtained from spectral model fits (e.g. Markova et al. 2004; Bouret et al. 2012) , and is similar to the value found in the UV time series, which reflect corotating wind structures. David-Uraz et al.
(2014) determined an upper limit of 136 G for the dipolar magnetic field strength.
In our effort to understand the cause of the cyclic variability of optical lines we analyzed four time-resolved high-resolution series of spectra obtained with various instruments in 1989, 2007, 2012, and 2103 , and particularly studied the behavior of the strongly variable He ii λ4686 double-peaked emission profile. This line probes the base of the stellar wind, which is therefore particularly suited to studying the azimuthal structure of the wind close to the surface. Because the behavior of this spectral line is cyclic, and not periodic, on the same daily rotational timescale, we consider it to be strong evidence of a photospheric -wind connection. In our attempt to model the variability we circumvented the well-known difficulty of modeling the asymmetric double-peaked emission line itself (see, e.g., Sundqvist et al. (2011) , although see Hillier et al. (2012) for ζ Pup) by considering quotient spectra, obtained by dividing subsequent spectra, such that only relative profile changes are monitored. These quotient spectra display a large diversity in shape, from zero amplitude (within the noise) to more than 5% of the relative flux. The main aim of this paper is to develop a first approximation model to describe the shape and time evolution of these quotient spectra by means of introducing a variable number of corotating spherical blobs of emitting gas attached to the surface of the star with adjustable optical depth, size, and velocity dispersion. These blobs are envisaged to represent "stellar prominences" presumably caused by local transient magnetic structures. We develop a formalism to calculate the rational phase dependent effect of such a blob on the line profile, which would be superposed on the spectral line of the photosphere plus ambient wind. Support for this picture comes from a comparison of quotient spectra from several H , He i, and He ii lines, which often look similar and display similar behavior, although differences do occur. Within this limited description we aim to derive the typical characteristics of these transient features, in particular the lifetime of configurations and of individual blobs (hours, days), and the long-term timescale (years) of this phenomenon. Indirect support for the presence of transient small-scale phenomena very close to the star may come from space-based highprecision photometry of the mid O-type giant ξ Per, presented by Ramiaramanantsoa et al. (2014) , who conclude that the observed modulation is consistent with several co-rotating bright spots on the stellar surface.
We emphasize that the importance of these exploratory calculations is the relevance to the behavior of many other, if not all, massive O-and early B-supergiant stars. Preliminary comparable pilot studies of a handful other O stars (e.g., ξ Per, 19 Cep, α Cam, λ Ori, ζ Ori) showed that their short-and longterm optical line profile variability is very similar to what we observed in λ Cep. Since these stars also show cyclic variability in their winds, we take this as further support that the presence of what we call stellar prominences could well be a common phenomenon of massive stars. This paper is organized as follows. We first review the stellar parameters used in the paper. In Sect. 3 we summarize the UV wind properties. In Sect. 4 the optical spectroscopic observations are presented. Section 5 describes the properties of the model. The results of the model fits are given in Sect. 6. Section 7 contains the discussion, and Sect. 8 summarizes the conclusions.
Stellar properties and the distance problem
The projected equatorial rotational velocity, vsini, is firmly established at 204 km s −1 (Simón-Díaz & Herrero 2014) . Since the N. Sudnik, H. F. Henrichs: Stellar prominences on O stars: The O6.5I(n)fp star λ Cephei description presented in this paper hinges on an assumed period of rotation, P rot , consistent values for the radius, R, and angle of inclination, i, are required. Since no interferometric diameter is known, R can only be estimated from the stellar effective temperature and luminosity and therefore depends critically on the distance, which turns out to be problematic (see, e.g., Schröder et al. 2004) , and is therefore discussed here. λ Cep is a runaway star (Blaauw 1961 ) with a radial velocity of −75 km s −1 (Gontcharov 2006) and is located in the direction of the Cep OB2 association. According to dynamical calculations by Hoogerwerf et al. (2001) , the star cannot be a member of Cep OB2 but instead belonged originally to Cep OB3 (subgroup a) located ∼6.6
• to the east of its current position. It escaped through a supernova explosion of the presumed binary companion star ∼4.5 ×10 6 yr ago, and traveled at 75 km s −1 to end up at a distance of ∼450 pc from the Sun in its current direction. After an analysis of its space motion, these authors regard λ Cep as a blue straggler member of Cep OB3, which is consistent with the shape and orientation of the bowshock discovered with IRAS by van Buren & McCray (1988) and confirmed with a 24 µm Spitzer image (Gvaramadze & Gualandris 2011) . The latter authors, however, concluded that the star escaped only ∼2.5×10
6 yr ago with a peculiar velocity of 60 km s −1 , which was based on a more recent distance determination of Cep OB3 of 700 pc (Mel'Nik & Dambis 2009), not very different from the distance reported by Crawford & Barnes (1970) and used by Hoogerwerf et al. (2001) , although MorenoCorral et al. (1993) found 0.9±0.1 kpc, which was revised to 800 pc by Peter et al. (2012) . In short, in both dynamical calculations λ Cep should be 140 to 280 pc closer to the Sun than Cep OB3, which is in the same range as the most recent Hipparcos distance of 649 +112 −83 pc (Sota et al. 2011 ). However, this distance is inconsistent with its spectral class, energy distribution, luminosity, and radius; the effective temperature is rather strongly constrained at 36000 ± 1000 K , which would put the star farther away. Reported distances include 0.83 kpc (Markova et al. 2004) , 0.9 kpc (Fullerton et al. 2006 ), 1.08 kpc (Puls et al. 2006) , 0.95 ± 0.1 kpc , and even 1.6 ± 0.3 kpc from interstellar Ca H and K line strengths (Megier et al. 2009 ), implying an uncertainty of about a factor of 2 in R. We have simply adopted R = 17.5 R , which is consistent with the values from different papers containing a spectral line analysis, and have ignored the distance problem. Future improvement may come from apparent diameter measurements by optical interferometry (van Belle 2012) as well as from a superior parallax determination by the forthcoming GAIA mission.
To arrive at a value for the rotation period we considered both the estimated recurrence time of DACs (Kaper et al. 1999 ; David- Uraz et al. 2014 ) and the phase coherence between the equivalent widths of the He ii λ4686 line and the blue edge of the UV C iv wind line. A periodicity of P rot ∼ 2 d would be consistent with the cyclic behavior, but with the adopted radius such a short period would imply i < 30
• , which would not be compatible with the always blue-to-red marching absorption features in the He i λ4713 line (de Jong et al. 1999) and in the He i λ4471 and He ii λ4542 lines (Uuh-Sonda et al. 2014 ). With such a near pole-on orientation, features moving in the opposite direction that originate at the far side of the star are also expected, which is not the case (see also Sect. 4.2). We therefore adopted twice this value, P rot = 4.1 d, similar to the conclusion by RH15 based on a Fourier-analysis of the Hα variability. With R = 17.5R , this implies i = 68
• for the inclination angle. With this radius the rotation period cannot exceed 4.4 d, and should be more than 3.4 d for i ≈ 50
• . The adopted stellar parameters and other relevant observational aspects are presented in Table 1 .
Stellar wind observations
The star λ Cep is the fourth most frequently observed O star with the IUE satellite; there have been 179 good quality spectra in six groups. The evolution of the stellar wind lines of C iv, Si iv, N v, and N iv has been described by Kaper et al. (1996 Kaper et al. ( , 1997 Kaper et al. ( , 1999 . Two series with the best time resolution were reanalyzed by Massa & Prinja (2015) . Figure 1 shows the evolution of the Si iv λ1394-λ1403 doublet from the 1994 dataset; cyclical DACs are clearly present. To search for possible periodicities in the wind lines we performed a CLEAN analysis (Roberts et al. 1987 ) as a function of velocity with respect to the λ1394 line for the three best IUE datasets in 1989, 1991, and 1994 . We used 1000 iterations with gain 0.1. The lowest frequency is dictated by the Nyquist frequency of the dataset. Figure 2 presents the grayscale representations of the resulting periodograms along with the total power, summed over the full width of the doublet. We attempted to calculate the power above which the peaks are significant at a given level, but this is a complicated issue in the case of unequally spaced data like ours (see, e.g., Frescura et al. (2008) ). We have followed the empirical approach by de Jong et al. (1999) in which the noise is calculated as the level below which 98% of the points lie in the frequency range between 5 and 10 d −1 , where there is likely not any significant power. We note that this noise level is only a lower limit to any useful significance level, but the lack of a proper treatment prohibits a more specific approach.
In the total power diagrams the prominent peak at ν 0 = 0.403 d −1 (2.48 d) does not show up in the simultaneous He ii λ4686 data of 1989 (see Figs. 4 and 10), and has not been seen in any other dataset. There is no obvious shared frequency with significant power in these three datasets, which underlines the cyclical behavior of the wind. Our adopted rotation frequency at ν 2 = 0.245 d −1 (4.1 d) appears -perhaps marginally -at low velocity in 1989 and 1991, but is absent in 1994, which confirms that there is no sign of permanent corotating wind structures close to the star, as is well known.
Optical observations
Four datasets obtained at several observatories were analyzed for this investigation (see Table 2 ). The spectra taken in 1989 were part of an international campaign including IUE (see Fig. 2 ) and ground-based observations (Henrichs 1991; de Jong et al. 1999 ). This same dataset of 180 high-resolution spectra with time resolution down to 15 min over 4 days has led to the discovery of the non-radial pulsations in λ Cep by the analysis of the He i λ4713 line. The 2007 dataset was collected at the Bohyunsan Optical Astronomy Observatory in South Korea and was described by Kholtygin et al. (2011) , and included a first analysis. The observations in 2012 and 2013 were carried out with the fiber-fed HERMES spectrograph mounted on the 1.2 m Mercator telescope on the island of La Palma, Spain, and covered a wavelength range from 3770 to 9000 Å with a resolution of R = 85000 (Raskin et al. 2011) . The spectral lines that were analyzed are listed in Table 3 . The wavelength scale of each line was transformed into velocity scale in the stellar rest frame after correction for the barycentric velocity of the observatory and Notes. The years marked in the first column correspond to the first column of Table 2 . Notes. The columns list respectively the dates, telescope, name of spectrograph, spectral resolution λ/∆λ, wavelength coverage in Å, exposure time in min, number of spectra acquired (N), and average signal-to-noise ratio (S/N) of the unbinned data. (a) After rebinning all 180 spectra in the time domain, in total 33 spectra were finally utilized for the analysis, see Sect. 6.2. the radial velocity of the star. All lines were normalized to a local continuum, which was approximated by a linear fit through two carefully chosen segments adjacent to the line center. Atmospheric lines around Hα in the Mercator spectra were removed with an empirical telluric template spectrum. We applied the model described below to spectra of λ Cep of all four datasets. Although the available spectral range included several hydrogen and helium lines, we restricted our analysis to the He ii λ4686 line simply because the amplitude of variations in this line is the most conspicuous of the available lines. Overplots of all profiles are presented in Fig. 3 , which demonstrate the dramatic changes encountered. To allow a comparison, the profiles have been rebinned onto a velocity grid such that the S/N equals 810 for all four datasets. In the lower panels of the figure we show the ratio of the observed to the expected standard deviation, which is similar to TVS 1/2 with TVS the temporal variance spectrum (Fullerton et al. 1996) . This ratio equals unity at the absence of statistically significant variation. As a reference we plotted the 1% significance level, which shows that the range of variability extends from −500 to +500 km s −1 in the He ii λ4686 line in the 1989 dataset, which has the highest quality (Fig. 3a) .
Overplots of all other studied lines are presented in Figs. 13-17 and in Appendix A. We now summarize the main characteristics of these datasets; in particular, we describe the temporal behavior of the profiles and of the subsequent quotient spectra of the different lines.
Power spectra
In order to search for periodic signals in the profiles we constructed grayscale representations of periodograms as a function of velocity in the frequency range from 0.2 to 10 d −1 (period 0.1 to 5 d) for all datasets except for 2007, which is undersampled. This range includes both the assumed rotation period and the data coverage. We used the same CLEAN algorithm described in Sect. 3, with 1000 iterations and gain 0. In these figures -in the accompanying diagrams with the total power -we have indicated the frequencies that are relevant for a comparison, in particular ν 2 , our adopted rotation frequency. All frequencies with total power likely above the noise and whose the origin can be identified in the periodogram are listed in Table 4 . Given the relatively short coverage we did not attempt to determine their accuracy, but at least two decimal places are significant. The occurrence of the frequencies in the different datasets is tabulated in Table 5 . We summarize in turn the behavior of the different lines.
Our most important dataset is for He ii λ4686 (Fig. 4) . We note that the power distribution among the three datasets is very different. The strong power in 1989 at ν 4 is entirely absent in 2012, but is present in 2013 (although much weaker and also concentrated at line center); it is not present two months earlier (RH15) and is also absent in all other spectral lines. We also marked ν 6 , which is found in nearly all other helium lines in 2013 only, but entirely absent in this He ii line. The only common frequency with all hydrogen lines is ν 3 , but only in 2012. Such behavior in the various lines signifies different formation regions as shown by Martins et al. (2015) and can be used as a diagnostic for the stratification (see also Hillier et al. 2012) , which is, however, beyond the scope of this paper. The absence of significant power at ν 1 , the frequency with the highest power in this line August 2013 found by RH15, also illustrates the strong variable nature of this line. It may be significant that ν H , found in the Hipparcos lightcurve by Marchenko et al. (1998) , is clearly present in the center of the line in 2012, but in no other spectral line. The dominant frequency in Si iv in 1989 was ν 0 ; it is absent in the simultaneous He ii λ4686 data, but appeared as the dominant frequency in the center of the line in October 2013, although it is absent in RH15. See also Fig. 10 for a comparison with the UV C iv edge behavior.
The time behavior of the hydrogen lines is similar for a given dataset, but not from year to year (see Table 5 ), except for Hδ which is partly blended with N iii λ4097 and Si iv λ4089. Table 5 .
Power ( Sundqvist et al. (2011) argued that the photospheric contribution of the He ii blend with Hα is negligible. Rauw et al. (2015) found the dominant frequency to be ν 2 (our adopted rotation frequency) in this line; it is most likely also present in our data two months later, but this is difficult to confirm as ν 2 is close to the lower frequency limit (set by the temporal coverage) in our Fourier analysis. In all the remaining helium lines, except He i λ4713 (see Sect. 7.2), we find ν 6 near line center in 2013, but not in any Notes. The labeling ν 1,..,3 is the same as in RH15. Our adopted rotation frequency is ν 2 . The frequency reported by Marchenko et al. (1998) from the Hipparcos lightcurve is denoted ν H . The NRP modes reported by de Jong et al. (1999) are marked as NRP1 and NRP2. See Table 5 for the occurrence of these frequencies.
other dataset. We note the occurrence of ν 3 , which dominates in 2012 in all hydrogen lines and in He i λ5876 in both 2012 and 2013, but which is only present in He i λ4471 in 2012. We consider this behavior as also being due to a significant change in the lower wind structure. Of the many frequencies listed by Notes. The frequencies are given in Table 4 , and marked where appropriate in Figs. 2, 4, 5, 14, and Appendix B. A horizontal dash indicates the absence of power above the noise level. In each column the frequency with the strongest power is listed first.
Article number, page 6 of 30 N. Sudnik, H. F. Henrichs: Stellar prominences on O stars: The O6.5I(n)fp star λ Cephei Uuh-Sonda et al. (2014) only their ν 2 in He ii λ4542 corresponds to our ν 10 in this line, and no other match is found. The fact that the periodograms of the spectral lines differ so much, also from year to year, strongly confirms the previous findings (e.g., Uuh-Sonda et al. 2014, and RH15) that there is no stable periodicity, certainly not over the whole width of the line profile (as in the case of pulsations), and also not near the adopted rotation period of 4.1 d. It appears, though, that a number of the same frequencies recur over the course of time.
Subsequent quotient spectra
We modeled the He ii λ4686 line not only because of its strongest variability, but also because the rapid changes (hourly, or shorter) in this line often (but not always) occur simultaneously in several other optical lines. This is most prominently seen in quotient spectra of subsequent exposures. Selected typical examples of the 2013 dataset are displayed in Fig. 6 . We describe here the behavior of the subsequent quotients of 11 different spectral lines; Hδ was left out because of partial blending (see Fig. 6 ). The panels are labeled with the ratio of the sequence numbers used, and the time difference (in hours) between them. We note that none of the He i λ4713 quotients in 2012 and 2013 shows significant amplitude. Only in the 1989 data, with superior S/N, does this line vary (see Sect. 7.2). A good example of parallel behavior is seen in quotient 19/18, which occurred in 1.9 h. All quotient profiles have a similar structure with increasing amplitude towards higher ionization; He ii λ4686 and Hα are about equally the strongest. Only Hα shows some extra features at −300 km s −1 . About 60% of the subsequent quotient spectra display such behavior, which partly validates our choice of only fitting the He ii λ4686 line. The strongest change, ∼ 7%, is seen in quotient 22/21, taken 18.5 h apart; the highest amplitudes are in He ii and Hα, followed by Hβ. In about 30% of the cases a trend of stratification is observed, as in quotients 15/14 and 31/30 with intervals 1.6 and 3.4 h, respectively. Both extend far beyond vsini. The structure and the ratio of amplitudes is similar to the previous parallel case, but the peak velocity shifts among the different lines. Quotient 16/15 show night to night variations with a strong amplitude far beyond vsini. In less than a few percent of the cases the different lines behave in the opposite sense to quotient 26/25, in 1.4 h. More complex behavior also occurs, as in quotient 42/41, where some parts move in parallel and other parts move in opposite directions. We note that in general the subsequent quotient spectra of Hα and He ii λ4686 mostly resemble each other (mainly shape and to a lesser extend amplitude), but because the Hα line is difficult to normalize owing to partial blending, this line was discarded for line fitting.
Modeling line profile variations
Our approach that explains the cyclical optical line profile variability is to assume that relatively short-lived, multiple stellar prominences emerge on the stellar surface, presumably owing to localized magnetic activity, more or less in analogy to what is observed on the solar surface (although sunspots are dark, whereas magnetic spots on massive stars are brighter than their surroundings). Reasonings behind this approach include that rapid changes (approximately hourly) occur simultaneously in several optical lines (Sect. 4), and that the rapid timescale of such changes is much shorter than the rotation timescale. In our exploratory calculations of describing the properties of a stellar prominence, we assume as a first approximation the geometry of a spherical blob with the size of a fraction of the stellar radius that stays at a fixed point above the surface, and hence corotates.
The observed line profile can be represented by an assumed constant part (atmospheric plus wind) and a variable part, related to the blob(s), as elaborated in Sect. 4.2. To isolate these contributions we make use of subsequent quotient spectra, i.e., the following spectrum divided by the previous one, thereby avoiding -and ignoring -the complicated line formation process of the underlying wind of this rapidly rotating star (see Hillier et al. 2012) . The justification of this approach is that the equivalent width of the observed variations are usually less than a few percent of the total equivalent width. We describe a blob as a sphere with radius r centered around the geometric center of a prominence at distance h from the stellar surface. We assume that the optical depth of the emission (or absorption) profile of the blob itself can be described as a Gaussian function with central optical depth τ and full width at half maximum w expressed in velocity units. For convenience we express r in stellar radii and put the stellar radius itself equal to unity. The resulting line profile of the blob, normalized by unity, can be described by
with v b the location of the center of the blob expressed in velocity units, and A ≤ πr 2 the overlapping surface of the star and the blob. The two factors in Eq. (1) correspond to the absorption and emission component, respectively. We have
with h ≥ r the distance between the surface of the star and the center of the blob expressed in stellar radii (if h = r the blob touches the stellar surface). The parameter v eq is the equatorial rotational velocity, i is the inclination angle, φ is the longitude of the blob (φ = 0 when the blob passes the subsolar central meridian), and θ is the latitude of the blob (θ = π/2 at the north pole and θ = 0 at the equator). The overlapping surface area, A, follows from the description of exoplanet transits (Haswell 2010, Sect. 3.2. 2):
Here α 1 and α 2 are the half angles subtended by the intersecting arc of the star and the blob, respectively, as seen from their centers, which are separated by their projected distance ξ (see Fig. 7) . Their values follow from cos α 1 = r 2 + ξ 2 − 1 2ξr and (4)
, with (5)
There are five different cases that act differently on the line profile depending on the relative location of a blob (see Fig. 8 ):
1. The projected blob is located next to the star (their surfaces do not overlap). The blob contributes to the line profile as an emission feature with maximum amplitude and with the highest velocity (negative or positive) of (1 + h)vsini. 2. The full projected surface of the blob is in front of the star. In this case the blob gives extra absorption with maximum amplitude at a velocity within the range ±(1 − r)vsini. 3. The blob partly overlaps the stellar surface. The result is a superposition of the emission and absorption components. Depending on the relative size of the overlap area the extra emission or absorption has a lower amplitude than in the two previous cases. If the overlap area is half of the blob surface, the emission and absorption components cancel each other out. 4. If the blob is partly behind the star it gives extra emission with a lower amplitude than in the first case. 5. The blob is completely behind the star and does not contribute to the line profile.
As a function of the rotational phase, φ, the contribution to the line profile due to the presence of a single blob appears as an additional absorption at φ = 0, turns into emission at φ = π/2, then disappears and reappears as emission at φ = 3π/2, and finally returns to absorption after one stellar rotation. Fig. 9 . Angles determining the position of multiple blobs. Two blobs, labeled 1 and 2, at the equator and at latitude θ, respectively, are depicted at their initial position (dark gray) at longitude φ measured from the subsolar meridian, and an instant later (light gray) after being rotated by an angle ∆. A second blob leads the first by an angle δφ.
Article number, page 8 of 30 N. Sudnik, H. F. Henrichs: Stellar prominences on O stars: The O6.5I(n)fp star λ Cephei Our description allows for multiple prominences, or blobs, by multiplying Eq. 1 for each blob with its respective positional parameters. The position at a given moment in time, t, is determined by two angles: its longitude φ and latitude θ (Fig. 9) . We assume that the relative position of blobs does not change with time. The longitude of the first blob is taken as a reference: φ 1 = φ 0 . Subsequent blobs have longitude φ 1 + δφ j with δφ j the angular distance between the first and subsequent blobs, numbered with subindex j = 2, 3, ..., N. The epochs of the first, second, and n th observation are dentoted t 1 , t 2 , ..., t n ; after a time interval t = t 2 − t 1 all blobs of a given configuration have turned by an angle ∆, measured from φ 0 . The longitude of the first blob at t = t n is φ 1 = φ 0 + ∆(t n − t 1 )/(t 2 − t 1 ), whereas the longitude of blob j is φ 1 + δφ j .
The model can also account for differential rotation. In this case the longitude of blob j related to the longitude of the first blob is φ 1 + δφ j + f φ 1 sin θ, where f is the factor determining the velocity of the rotation at a given latitude. The latitude and the inclination angle dependencies follow from the obvious projection effect, and is taken into account. With the stellar rotation period denoted by P we have
Consequently, for an adopted value of ∆ (or rotation period) with a specified configuration of blobs, the position of the blobs is fixed at any given moment of time. This is used for predicting the time evolution of the features in subsequent quotient spectra, to be compared with the observed values. In summary, the subsequent quotient profiles can be calculated by providing the values of the parameters i, v eq , h j , r j , τ j , w j , f , θ j , δφ j , φ 0 , and ∆.
Fit results

Fit strategy
The many degrees of freedom in our formalism obviously complicate the search in parameter space for a fit. For this reason we simplified our calculation by restricting the blobs so that they all have the same radius, are attached to the stellar surface (h i = r i ), and are also in the equatorial plane (θ i = 0), and therefore without differential rotation ( f = 0). As we are most interested in the lifetimes of the prominences (or blobs in our description) the value used for the rotation period is essential. After initial trials, we kept ∆ corresponding to P = 4.1d (see Sect. 2), because in general with this value the fits appeared acceptable for a longer time span of subsequent quotient spectra than for other nearby periods. It is not certain, of course, that this assumption yields the real rotation period, and our fits therefore cannot be considered unambiguous, but rather as illustrative. The justification of this approach is twofold. First we note that deviations of the adopted value of rotation period would affect all derived lifetimes, but only to a very minor extent because the best timeresolved datasets cover at most 6 days. Second, searching for the longest stretch of data that can be described by the same set of parameters will give an upper limit to the derived lifetimes. After some trials we fixed the radius of all blobs at 0.2 R * as this would give reasonable values for the competing parameters τ i and w i for a given equivalent width in the quotient domain. In practice, initial parameter values for τ i , w i , φ i , and δφ i are estimated by a trained eye, and when the fit seems reasonable, these values are used as starting values for a final least-squares solution to obtain the best-fit values of the specified parameters.
Our fit strategy is to try to fit as many subsequent quotients as possible with the same set of parameters. We consider a fit to be completed when the fit of a preceding and a following quotient of a series fails. To emphasize this strategy we added the failed fits as the first and the last plots in all figures with fits, and overplotted the subsequent quotients as described below and presented in Appendix C. As a practical example, we consider the fit displayed in Fig. C.12 , third series. The geometry is drawn for spectrum number 16, the first one included in the fit of this series. To reproduce quotient 19/18 we note that the star has rotated only by a minimal amount (about 6
• ), as spectrum number 18 was taken 0.7 + 1.1 = 1.8 h later. To reproduce the quotient spectrum (with time interval of 1.9 h) it appears that three blobs are needed. The rightmost blob produces an absorption in both single spectra, but will appear in the quotient spectrum as an emission and an absorption feature at positive velocities because of the location of the blob on the receding hemisphere and the redwards shifted second spectral profile of the blob. Similarly, the middle blob is largely responsible for the absorption in the quotient spectrum at negative velocity, whereas the leftmost blob gives the emission at negative velocities. There are two locations for the leftmost blob that would have the same effect on the quotient spectrum. One of these locations appeared to be in better agreement with the other quotients in the series, which we therefore adopted. The subsequent quotient spectrum could also be fitted with this configuration, but quotient 21/20 could not. Adding more blobs could make one fit somewhat better, but will destroy other fits. To minimize arbitrariness when fitting the next series, in all cases we tried to keep as many blobs as possible from the previous configuration while aiming at the minimum number of blobs to obtain an acceptable fit over as many subsequent fits as possible.
We now describe the results for our datasets.
The 1989 dataset
In total 180 spectra were available, often with a time resolution of 15 min that already showed significant changes between subsequent spectra. To limit the number of the time-consuming fits to the most significant variable epochs we rebinned the spectra in the time domain onto a grid of an average of 2 hours, except during the second night when the spectra changed so quickly that we used averages of 0.5 hours. This resulted in a new set of 33 spectra, with 32 corresponding subsequent quotients. The fits are presented in Appendix C.1. We emphasize that in all sequences the first and last panels display a failed fit on purpose, signifying the beginning and ending of what we consider one episode, and hence constraining the lifetime of a given configuration. The main result is that in 1989 there are always multiple blobs present, from 2 to 5, but mostly 4, with lifetimes from 1.4 to 7.2 h. The typical optical depth is τ = 0.2, but values vary between 0.1 and 0.8 with a typical FWHM of w = 70 km s −1 , varying between 50 and 90 km s −1 . A graphical summary of the configurations, lifetimes, and properties of the blobs as a function of longitude is presented in the bottom panel of Fig. 10 . Solid lines connect the longitudes for each identified blob, with the length representing the lifetime. The linear trend is caused by the rotation. The size of the circles is proportional to the optical thickness τ of the blob.
As mentioned above, the simultaneous optical and UV observations for this dataset show a puzzling phase coherence of the equivalent width of the optical emission of the He ii λ4686 line measured within v = [−400, 400] km s −1 and blue-edge variability of the C iv line at −2300 km s −1 (Fig. 10, from Henrichs 1991), which has never been explained. In this figure, the highest edge velocity occurs around day 8.5. A direct relation between the optical thickness and the edge velocity (here represented by the equivalent width) is not apparent in this figure. However, as mentioned in the introduction, since the origin of DACs must be close to the surface of the star, a delay is expected between the onset of a DAC and the effect on the blue edge or, in terms of the quantities in Fig. 10 , this same delay is expected between the occurrence of the blobs with the strongest optical depth and the maximum EW of the C iv line. In the diagram this delay is about 1 day, but the onset of a DAC for this dataset cannot be determined with sufficient confidence from the UV spectra. From Kaper et al. (1999, Fig. 26 , lower panel) they derive ∼1.5 days for the 1991 dataset when the DAC development looked different. From the analysis of Massa & Prinja (2015) of a number of stars with sufficiently high time resolution of UV spectra, we estimate that this delay varies between 0.5 and 1.5 days in ξ Per, and around 1 day with a very large uncertainty for λ Cep. Although it seems suggestive, we cannot confirm a causal relationship between the strongest blobs and the highest edge velocity, which means that the phase coherence in the upper panel of the plot could still be a coincidence in the sense that the 1-day delay coincides with half of the 2-day quasicycle period. The left-hand panel of Fig. 11 shows the histogram of the number of blobs in our model fitting as a function of the lifetime. Most of the blobs survive only a few hours, which is not a consequence of the limited coverage (see the fits in the figures in Appendix C.1).
The 2007 dataset
Spectra were obtained during 2 hours on 20-22 November and 16 December 2007, with an average of 6-8 spectra per night. All acceptable fits to the subsequent quotient spectra are listed in Appendix C.2. Three or five blobs were needed with optical depths τ = 0.07 to 0.77, and FWHM of w = 72 to 95 km s −1 . The derived lifetime of the blobs is mostly 1.7 d, but is not well constrained because of the limited coverage. The time lapse between the last two nights is 23.9 d, and reaching a fit over this time span is likely a coincidence; therefore, the left-hand panel of Fig. 12 contains the lifetimes only for 20-22 November. We note that we were able to make several acceptable fits for different series of subsequent quotients that contained a given quotient with a large amplitude. This obviously illustrates the ambiguity in the interpretation, but this is of less concern (see Sect. 7.1).
The 2012 dataset
Subsequent quotient spectra were calculated over 7 sequential nights in 2012 (see Appendix C.3). From 2 to 5 blobs were Article number, page 10 of 30 N. Sudnik, H. F. Henrichs: Stellar prominences on O stars: The O6.5I(n)fp star λ Cephei needed for a fit with optical depths τ = 0.14 to 0.7 (but mostly 0.2) and FWHM of w = 40 to 93 km s −1 . A histogram with the number of blobs as a function of lifetime is depicted in Fig. 11 , middle panel. The derived lifetimes of the blobs are from 1.2 h to 25.1 h (i.e., 1.05 d). The lifetimes of the blobs cluster around 23 h (0.96 d), implying that many survive until the next night. The evolution of the blobs is displayed in the middle panel of Fig. 12. 
The 2013 dataset
The subsequent quotient spectra with the corresponding time resolution for the 7 sequential nights in 2013 with the best fits are given in Appendix C.4. The quotients show less variability than in 1989 for spectra separated by less than 1 h apart. Like before, we were able to make more acceptable fits for different series of subsequent quotients that contained a given quotient with a large amplitude, again illustrating the ambiguity in the interpretation. From 2 to 5 blobs with optical depth τ = 0.08 to 0.81 (but mostly 0.2) were needed with a FWHM of w = 55 to 192 km s −1 (mostly 60-80 km s −1 ). The evolution of the blobs is displayed in Fig. 12 , right-most panel. A histogram with the number of blobs as a function of their lifetimes is given in the right-hand panel of Fig. 11 . The derived lifetimes are between 1.6 and 24.7 h with many surviving until the following night, as in October 2012.
Summary of fit results
Our results suggest that, within the framework of our model, there are multiple blobs (2 to 5) with typical lifetimes of a few hours present around the star, but also quiet phases without much variation over several hours, especially in 2013. There is a wide variety among the blob properties regarding optical depth and velocity dispersion. The configurations clearly differ in the four datasets. The most likely picture that emerges is that the stellar activity is variable and that the lifetimes differ from year to year. This could be concluded, for example, from the notion that the amplitudes of the subsequent quotient spectra taken within 1 h in 1989 are larger than in 2013, and that more quotients in a row over a longer time stretch could be fitted in the 2013 dataset.
Discussion
Uniqueness of fits
Since the fits of a series of subsequent quotient spectra depend on an adopted rotation period, it is obvious that these fits cannot be unique. The many restrictions we imposed on the parameter range, like spherical geometry, latitude, radius, and distance to the surface, also limit the validity of our application. For instance, using a slightly different rotation period will give results with slightly different parameters and lengths of longest stretch of data that can be fitted. We also cannot be sure that blobs survive until the next night in the last two datasets, although consistent fits could be obtained. In fact, these longer lifetimes were not found in the 1989 dataset with much better time coverage during 24 hours, which hints that the longer lifetimes may not be real, but a consequence of lack of data coverage. From our point of view, however, the important outcome is the number of blobs and lifetimes, which will not change much. We therefore emphasize that the fit results should not be taken at face value, but rather as an indication that our model can be applied, which will hopefully serve as a starting point for further research with a more physical basis. The various (quasi-)periodicities in the different spectral lines for a given dataset may provide insight into the stratification of the line forming regions, assisted with calculations of the type presented by RH15 (their Fig. 7 ).
Effect of non-radial pulsations
In the paper by de Jong et al. (1999, hereafter DJ99) two nonradial pulsation (NRP) modes with periods of 12.3 and 6.6 h were reported. In first order (for spherical stars) an NRP signal should be present in all lines, and in the light of the results presented above the question arises whether the spectral line variability that we attribute to phenomena above the stellar surface would affect our analysis. Conversely, a contamination by the lower wind, as found above in most spectral lines, could have prevented a proper NRP analysis as presented by DJ99, which was solely based on the weak atmospheric He i λ4713 line. Uuh-Sonda et al. (2014, hereafter US14) have reported results of a multi-epoch spectroscopic monitoring campaign of λ Cep that took place between December 2009 and September 2011 and have searched for the presence of NRP in several spectral lines, which, unfortunately, did not include He i λ4713. The authors could neither confirm neither the periodicities nor pulsation modes reported by DJ99, although 10.9 ± 0.4 h was considered to be a candidate NRP period. Importantly, these and other derived periodicities appeared to be different at different epochs, which made US14 conclude that any periodicity might reflect transient phenomena, and that there is no stable period that can be attributed with certainty to NRP. This questions the validity of the NRP modes reported by DJ99. Since DJ99 used the same dataset as analyzed above and we have two more datasets that contain most of the same lines as in US14, we address here the issues raised in this paper. A point of concern is the S/N of the data. de Jong et al. (1999) based their analysis on data which were rebinned to a S/N ≈ 900, which allowed them to detect variations in this He i line below 0.5% of the continuum, i.e., the approximate amplitude of the reported NRP. Figs. 13 and 14 show a comparison between our 1989 data and our new datasets (2012 and 2013), which were sampled at the same S/N to allow a proper comparison. We conclude that in 1989 all significant variations above the 1% significance level occurred essentially within ±vsini. This justified the implicit assumption by DJ99 that the variability is likely dominated by an atmospheric phenomenon, which they interpreted as NRP. This is supported by Martins et al. (2015) who showed that of all opti- cal hydrogen and helium lines, this line is formed deepest in the photosphere, although modeled for a somewhat cooler star than λ Cep. Our 2012 dataset is undersampled to confirm any conclusion regarding NRP. Our 2013 dataset is also undersampled for an NRP analysis in a period range of 0.2-0.5 d, but the overall TVS looks similar to the TVS of 1989, in the sense that hardly any significant variability occurs outside the vsini limits, and that the amplitude of variations in 1989 and 2013 are comparable.
We have two lines in common with US14. The first is the He i λ4471 line, which is four times stronger (see Fig. 16 ), where the variability extends to nearly ±2vsini in all three of our datasets and which points to a significant wind contamination. Large- amplitude NRP could cause variations outside the vsini limits, but if the small signal in He i λ4713 represents NRP, it would be buried under the much larger amplitude caused by variations in the lower wind region as is observed in nearly all the other lines we studied. The variability we find at λ4471 is in accordance with US14 (their Fig. 1 ), which is also within ≈ 2vsini in their dataset (sampled with a S/N ≤ 405). Given the episodic or stochastic nature of the variability that we found in the lower wind, we conclude that the absence of the reported NRP periodicities in the λ4471 line is most likely due to this contamination, which dominates in this line over the NRP signal. Additional support for this conclusion comes from inspection of subsequent quotient spectra, illustrated in Fig. 15 for our 2013 data of the He i λ4471, λ4713 and He ii λ4542, λ4686 lines. In all cases the amplitudes of the He i λ4713 subsequent quotients are tiny and are the smallest; in particular, they are smaller than the He i λ4471 quotients.
The other line in common with US14 is the much stronger He ii λ4542 line, with a central depth of 15% (see Fig. 17 ). The amplitudes of the subsequent quotients of this line are in all cases larger than those of the He i λ4471 quotients, which signifies an even larger impact of the lower wind on this line, and hence an even more inhibiting detection of NRP. In this line the velocity range of variability both in our datasets and in US14 is somewhat smaller than in the λ4471 line, which may be due to the higher excitation level, possibly associated with a latitude dependency in this rapidly rotating star, for which the polar regions are about 3% hotter than near the equator (RH15).
Interestingly in this aspect, US14 also performed a red-noise analysis, following Blomme et al. (2011) , to measure the extent of stochastic processes that contribute to power in a Fourier analysis. They found that the mean lifetime of dominant structures in the line-profile variability is on average 0.028±0.013 d, or < 1 h, and that about one half of the power contributes to the observed random variations. This is shorter than but not necessarily inconsistent with the lifetime of the blobs in our analysis.
7.3. Subsurface convection zone as the possible source of stellar prominences Cantiello et al. (2009, hereafter CL09) showed the existence of subsurface convection layers in luminous massive stars, caused by the iron opacity peak in the so called iron convection zone (FeCZ). They found a correlation between the properties of such a convective region and microturbulence at the surface. Preliminary results of 3D simulations were presented by who showed that these convection zones could indeed produce observed microturbulent velocity fields. They also argued that magnetic fields at the equipartition level are generated in the FeCZ, which could reach the surface thanks to buoyancy. The field strength could be enhanced up to kG fields by dynamo action in the presence of shear and rotation, which may result in localized magnetic spots. They argue that such spots may be linked to several observable phenomena such as the occurrence of DACs (Section 3), line profile variability (as studied in the current paper), non-thermal X-ray emission (as found for λ Cep by RH15, variable on the rotational timescale and formed within 2R * ), excitation of non radial pulsations, and wind clumping since they are all related to surface inhomogeneities. Blomme et al. (2011) suggested that the red noise detected in CoRoT light curves of early-type stars is also a consequence of this convection zone, perhaps in interaction with pulsation. According to CL09, the lifetime of these spots depends on the turnover time of the convection in these subsurface layers. A first estimate by for this turnover time, which could in principle be derived from the equipartition field strength, is indeed relatively short (hours-days), but a reliable quantitative estimate is difficult to derive, and has to await more detailed modeling. In addition there is the much longer timescale determined by the convective properties of the FeCZ and the rate of mass removal at the surface, which could be related to the monthly/yearly long-term changes we observe. According to , an upper limit to the lifetime of magnetic spots is given by the time taken by the mass loss to remove the magnetic material, provided no magnetic annihilation occurs in the convective layer. For a 60 M star (λ Cep is ∼50 M ) this limit is about 3 months, but 4 years in the case of dissipative processes like magnetic reconnection. We tentatively identify the occurrence of the short-lived magnetic spots with the footpoints of the stellar prominences modeled above. Better estimates of the lifetimes of these spots will tell whether these lifetimes are indeed in the range of what we derived, but of course the lifetime of prominences could well be shorter (as in the Sun).
X-ray emission and stellar prominences
Possible support for our picture of stellar prominences in massive, luminous stars can be derived from RH15, who found that most of the X-rays from λ Cep are emitted from a region starting at 0.1 R * to less than 2 R * above the photosphere. From our perspective this would be the average extent of the stellar prominences, which we have independently chosen to be 0.4 R * with geometric center at 0.2 R * from the surface, as argued in Sect. 6.1. Rauw et al. (2015) find the X-ray spectra of λ Cep consistent with emission from wind-embedded shocks, which could be generated by the action of localized magnetic fields by magnetically heating the plasma, giving rise to the prominences proposed by RH15.
Relation to clumping
Stellar winds of early-type stars are highly clumped (see, e.g., the extensive review by Puls et al. 2008 and references therein). The exact cause of this clumping is not clear, but all researchers agree that the onset must happen very close to the stellar surface (see, e.g., Puls et al. 2006 , Fullerton et al. 2006 , Najarro et al. 2011 , and Sundqvist et al. 2011 ). In the last paper the authors suggest that strong clumping might even trigger NRP. Interestingly, the multi-diagnostic study of λ Cep by Sundqvist et al. (2011) shows that the clumping factor close to the star turns out to be ∼28 (their Table 3 ) with an average interclump distance (or porosity length; Owocki et al. 2004 ) of ∼0.5 R * , which is roughly similar to the configuration of blobs that we figured in our analysis above. The question arises whether this reflects the same phenomenon, in other words, Does the azimuthal inhomogeneity associated with our proposed stellar prominences give the same observational effect as the clumps in these papers? and/or, In the light of the discussion in the previous subsections, is the surface density of magnetic spots due to dynamo effects in the subsurface FeCZ similar to the projected surface density of clumps? A positive answer to these intriguing questions, which we cannot provide, may bring together a number of surface related phenomena on a quantitative basis by further research.
Future work and other stars
Preliminary results obtained with the HERMES spectrograph at the Mercator telescope of other O-type stars like ξ Per, 19 Cep, α Cam, λ Ori, and ζ Ori showed behavior very similar to what we found in λ Cep. It is clear that the approach to solving the problems addressed in this paper is currently data limited. Spacebased photometry of ξ Per by Ramiaramanantsoa et al. (2014) , showed a frequency range in the lightcurve similar to what we find for the frequencies of prominences. In their interpretation, bright spots that generate frequencies below 2 d −1 last only several days. The question here is whether these frequencies can be identified with the occurrence of spots and/or prominences (which may have a shorter lifetime than spots), the presence of which will likely have a small but measurable effect on the light curve. A ground-based spectroscopic campaign with 24 h coverage lasting several days taking place simultaneously with spacebased photometry is likely to provide many of the answers to the questions raised in this study.
Progress from an analysis point of view can be expected by considering the stratification of the formation regions of the different spectral lines, such as was done by Martins et al. (2015) for somewhat cooler stars than λ Cep, which have a strong diagnostic value.
Conclusions
In our analysis of four datasets, which were taken years apart, containing time-resolved, high-resolution optical spectroscopy of the O6.5I(n)fp star λ Cep, we have identified many periodicities in the range of 0.4 to 4.1 d in hydrogen and helium lines, which vary not only from dataset to dataset, but also among different lines in each dataset. We showed that relative changes (expressed in the form of subsequent quotient spectra) in various optical absorption and emission lines are often very similar. The timescale of the cyclic behavior in the wind lines of this star is in the same range as the (quasi-)periodicities in the optical lines. This confirms similar conclusions from other previous work, and points strongly to a phenomenon that is driven by both short (hours-days) and longer (months-years) timescales. We have developed a simplified phenomenological model to explain cyclical variability where multiple spherical blobs attached to the surface represent magnetic-loop structures, which we call stellar prominences by analogy with solar prominences. We applied our model to subsequent quotient spectra and fitted the free physical parameters (optical depth and velocity dispersion) and plotted them as a function of phase of the adopted rotation period of 4.1 d. Our proposed model applied to the He ii λ4686 line can be fitted with 2 to 5 equatorial blobs with lifetimes between ∼1 and 24 h. These numbers are representative in spite of the many simplifying assumptions.
Given the irregular timescales involved, our results support a model in which the azimuthal distribution of DACs corresponds to the locations of stellar prominences (or magnetic-loop structures) attached to the surface. This configuration could explain the observed variability in optical and UV lines. Application of this model to other stars can put constraints on the strength and lifetime of these magnetic structures, to be compared with theoretical predictions. The action of the subsurface convection zone (Cantiello et al. 2009 ) would be the most likely driving mechanism that generates short-lived magnetic spots (i.e., bright spots) as the source of prominences, in particular because of the two different timescales involved. Simultaneous space-based photometry, X-ray, and ground-based spectroscopy is the most promising approach to make progress in this field, which we believe is applicable to more than 90% of luminous, massive stars. 
